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Abstract

        Planetary embryos embedded in gaseous protoplanetary disks undergo Type I orbital
          migration. Migration can be inward or outward depending on the local disk properties but,
          in general, only planets more massive than several  M⊕ can migrate
          outward. Here we propose that an embryo’s migration history determines whether it becomes
          a hot super-Earth or the core of a giant planet. Systems of hot super-Earths (or
          mini-Neptunes) form when embryos migrate inward and pile up at the inner edge of the disk.
          Giant planet cores form when inward-migrating embryos become massive enough to switch
          direction and migrate outward. We present simulations of this process using a modified
            N-body
          code, starting from a swarm of planetary embryos. Systems of hot super-Earths form in
          resonant chains with the innermost planet at or interior to the disk inner edge. Resonant
          chains are disrupted by late dynamical instabilities triggered by the dispersal of the
          gaseous disk. Giant planet cores migrate outward toward zero-torque zones, which move
          inward and eventually disappear as the disk disperses. Giant planet cores migrate inward
          with these zones and are stranded at ~1−5 AU.
          Our model reproduces several properties of the observed extra-solar planet populations.
          The frequency of giant planet cores increases strongly when the mass in solids is
          increased, consistent with the observed giant exoplanet – stellar metallicity correlation.
          The frequency of hot super-Earths is not a function of stellar metallicity, also in
          agreement with observations. Our simulations can reproduce the broad characteristics of
          the observed super-Earth population.
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1. Introduction
One third to one half of all main sequence FGKM stars host planets slightly larger or more
        massive than Earth on orbits with periods shorter than 50−100 days (Mayor et al. 2011; Howard et al. 2010,
          2012; Fressin et
          al. 2013; Howard 2013; Dong & Zhu 2013; Petigura et al.
          2013). Planets smaller than 1.5 − 2
             R⊕ are likely to be rocky “super-Earths”
        whereas larger planets are more likely to have thick gaseous envelopes and be
        “mini-Neptunes” (Weiss et al. 2013; Lopez & Fortney 2013; Weiss & Marcy 2014; Marcy et al.
          2014a,b). Super-Earths and mini-Neptunes are
        usually found in systems with many planets (e.g. Mayor et
          al. 2009; Lovis et al. 2011; Lissauer et al. 2011a). The orbital architecture of these
        systems is generally compact but non-resonant, and confined within a few tenths of an AU of
        their host stars (Lissauer et al. 2011b; Fabrycky et al. 2012). 
On the other hand, gas giant planets close to their stars are rare. Only 0.5−1% of stars host a hot Jupiter (Cumming et al. 2008; Howard et al. 2010, 2012; Mayor et al. 2011; Wright et al. 2012). There is a dearth of gas giants with orbital radii less than
          ~0.5 AU. From 0.5 to 1 AU there is a rapid
        increase in gas giant frequency and a plateau out to 3−5 AU. Radial velocity surveys show that at
        least 14% of Sun-like stars host a gas giant with a period less than 3000 days (Mayor et al. 2011). Microlensing surveys hint that the
        abundance of long-period gas giants may be as high as 50% (Gould et al. 2010). 
In the core-accretion model, gas giants form in two steps (Mizuno 1980; Pollack et al. 1996; Ida & Lin 2004; Rice et al. 2004; Alibert et al. 2006; Mordasini et al. 2009). First a solid core of
          5 −
          10M⊕ forms. Then the core gravitationally
        captures gas from the disk. Capture of gas is initially slow and limited by the core’s
        ability to cool and contract (Ikoma et al. 2000;
          Hubickyj et al. 2005). Once the envelope mass
        becomes comparable to the core mass gas accretion can enter a runaway phase and the planet
        can grow to Jupiter-size within ~105 years (Lissauer et al.
          2009). 
Uranus and Neptune are often considered to be giant planet cores that failed to undergo
        runaway gas accretion (e.g., Helled et al. 2014).
        Given their significant gas contents, the ice giants’ accretion must have taken place during
        the gaseous disk phase. By the same argument, mini-Neptunes (with R> 1.5 −
            2 R⊕) may also be considered failed giant
        planet cores. Given that hot super-Earths and mini-Neptunes form a reasonably continuous
        distribution, it stands to reason that hot super-Earths represent lower-mass actors in the
        same story. 
Orbital migration must play a key role in shaping the destinies of growing planetary
        embryos. Mars-mass or larger objects launch density waves in gaseous protoplanetary disks
          (Goldreich & Tremaine 1979). The waves
        torque the planets’ orbits and cause Type I orbital migration (Goldreich & Tremaine 1980; Ward
          1986). Spiral density waves generated by Lindblad resonances generate a negative
        torque that tends to drive planets inward (Ward
        1997; Tanaka et al. 2002). However, density
        perturbations in the co-orbital region generate a positive torque that can under some
        circumstances counteract the differential Lindblad torque (Paardekooper & Mellema 2006; Kley
          & Crida 2008; Paardekooper et al.
          2010, 2011). Outward migration only occurs
        for planets more massive than ~5M⊕, although this critical mass is a
        strong function of the disk properties (Bitsch et al.
          2013, 2014). The region of outward migration
        does not extend all the way to the star (see Fig. 3
        below); within ~1 AU migration
        is almost universally directed inward. Narrow regions of outward migration can exist
        closer-in (e.g., from 0.3−0.5
        AU). 
We propose that low-mass planets (both hot super-Earths and mini-Neptunes) and the cores of
        gas giant planets originate from the same parent population of primordial planetary embryos.
        The bifurcation between the two populations is the result of a competition between growth
        and orbital migration. In the limit of very slow growth, planetary embryos migrate inward.
        Rather than collide with the star, their migration is halted by a corotation torque
        generated by strong temperature and density gradients at the inner edge of the disk (Masset et al. 2006). However, if an embryo grows massive
        enough at a large enough orbital radius then it can transition from inward to outward
        migration. It then settles in a zero-torque zone at several AU (Lyra et al. 2010). Given that the zero-torque radius evolves slowly, the
        core has time – and a steady supply of food in the form of inward-migrating embryos – to
        grow into a gas giant. 
The paper is structured as follows. We first review current models for the formation of hot
        super-Earths and giant planet cores in Sect. 2. In
        Sect. 3 we present our model and its implementation. In
        Sect. 4 we present the results of simulations in
        static disks that do not evolve. These simulations serve to illustrate the key phenomena at
        play. In Sect. 5 we present the results of simulations
        in dissipating disks. We compare the planetary systems generated by the simulations with
        observations. We compare both the characteristics of observed hot super-Earths and the
        frequency of gas giant planets. In Sect. 6 we discuss
        the pros and cons of our model and conclude. 
2. Review of formation models
Planet formation models are in a state of continual evolution. Observations and theory are
        two key pieces of the puzzle. Measurements provide new data-points, and new ideas are
        generated to match them. 
2.1. Accretion of hot super-Earths
In recent years a plethora of models has been proposed to explain the origin of systems
          of hot super-Earths (see Raymond et al. 2008,
            2014). Several models required specific
          planetary system architectures that differed from those observed. These models were
          discarded. The two surviving candidate models are in situ accretion and inward migration. 
The in situ accretion model proposes that hot super-Earths grow in a bottom-up fashion
          from local material very close-in to their stars. This model was proposed by Raymond et al. (2008), who discarded it as requiring
          unrealistically large disk masses. The model was revived by several recent papers. Indeed,
            Hansen & Murray (2012, 2013) showed that in situ accretion can explain several
          aspects of the observed Kepler candidates. This includes both the orbital spacing of
          adjacent planets and their expected eccentricity and inclination distributions. Chiang & Laughlin (2013) showed that the
          observed hot super-Earths can be used to build a “minimum-mass extrasolar nebula”, a
          universal disk from which such planets would presumably have formed. However, Raymond & Cossou (2014) showed that multiple
          planet systems show no sign of a universal minimum-mass disk. In fact, a significant
          fraction of inferred minimum-mass disks have slopes that are so shallow or steep that they
          are inconsistent with accepted disk physics. In addition, Chiang & Laughlin (2013)’s minimum-mass nebula is an order of magnitude
          larger than the one expected from the Solar System or from sub-mm observations of outer
          disks. 
The inward migration model was proposed by Terquem
            & Papaloizou (2007) and built upon by Ogihara & Ida (2009), McNeil &
            Nelson (2009) and Cossou et al. (2014). It
          proposes that hot super-Earths form at large orbital radii, type I migrate inward and grow
          by embryo-embryo collisions. The model requires that roughly Earth-sized embryos grow
          while the gaseous disk is still present. Of course, growth is already required to explain
          the formation of gas- and ice-giant planets. The model generally produces systems
          containing many planets in long chains of mean motion resonances. Resonances can be broken
          either by late instabilities (Terquem &
            Papaloizou 2007), turbulence (Rein 2012)
          or simply long-term orbital dynamics (Goldreich &
            Schlichting 2014). The inward migration model is favored both to explain the
          inflated radii of mini-Neptunes (Rogers et al.
            2011) and the orbital architecture of a number of systems (e.g. Rein 2012; Swift et
            al. 2013). 
In the inward migration model, the inner disk is enhanced in solids by objects large
          enough to undergo type I migration. Of course, one can imagine a scenario in which the
          inner parts of protoplanetary disks were enriched in solids when objects were smaller.
          This could be in the form of small particles (Chatterjee
            & Tan 2014; Boley & Ford
            2013) or even m-sized boulders (Weidenschilling
            1977) that undergo rapid inward radial drift. While such a scenario is appealing,
          it remains to be adequately vetted. 
In this paper we build upon the inward migration model. Although the in situ accretion
          model can match several aspects of the observations, the model is built on a flimsy
          foundation. By assuming that the inner parts of protoplanetary disks are an order of
          magnitude more massive than expected and with strange density profiles, the in situ
          accretion model is hard to accept. As we show below, late instabilities in systems of
          migrated hot super-Earths can provide a transition to a similar regime as the in situ
          model and reproduce the same observations. 

          
          	[image: thumbnail]	Fig. 1
              Surface density and temperature profiles from our fiducial disk. The radial extent
                of our disk is [ 0.1;100
                  ] AU. Left panel: surface density profile,
                initial assumption of our disk model. Right panel: temperature
                profile calculated from equilibrium between irradiation, viscous heating and
                radiative cooling. The snow line is located at T ~ 150 K.

            



        2.2. Growth of giant planet cores
The growth of giant planet cores have not been successfully modeled. Thommes et al. (2003) showed that standard, bottom-up
          oligarchic growth cannot form reasonable cores within a typical disk lifetime. Levison et al. (2010) showed that large cores can in
          some cases grow rapidly when planetesimal-driven migration is taken into account. However,
          large cores were only produced in 10% of their simulations, even in very massive disks.
          The problem is that the Hill radius RH =
              a(M/
                3M⋆)(1 /
            3) scales more strongly with orbital radius than with planet
          mass. Therefore, as a planet grows its ability to scatter nearby planetesimals outstrips
          its ability to accrete them. The growing embryo is thus a victim of its own initial
          success (see, for example, Levison & Stewart
            2001). Lambrechts & Johansen
            (2012) and Morbidelli & Nesvorny
            (2012) showed that cores may grow efficiently by accreting cm-sized pebbles.
          Observations have shown that pebbles do indeed exist in protoplanetary disks (Wilner et al. 2005). What remains to be determined is
          the size distribution of growing objects in a typical disk, i.e., whether cores are built
          from planetesimals or pebbles. 
Given that embryos migrate inward in some parts of the disk and outward in other (see
          below), there exist zero-torque locations sometimes called “convergence zones”. It has
          been proposed that gas-driven migration can assemble planetary embryos at these locations
            (Lyra et al. 2010; Horn et al. 2012; Hellary &
            Nelson 2012). However, embryos rarely accrete in these zones. Rather, they tend
          to form long resonant chains (Morbidelli et al.
            2008; Sándor et al. 2011; Cossou et al. 2013). Turbulence can destabilize
          resonant chains if they get long enough and produce 5 − 10M⊕ cores
            (Horn et al. 2012; Pierens et al. 2013). However, this model still requires the growth of
            2 −
            3M⊕ cores by a different mechanism. Our
          model builds on this idea by allowing embryos to grow into giant planet cores as they
          migrate inward at different speeds. 
3. Methods
Our simulations included the effect of a 1D gaseous protoplanetary disk onto an
          N-body
        integrator. The surface density of the disk was assumed to follow a power law (Fig. 1a). The temperature structure and other disk parameters
        were calculated by balancing viscous heating, irradiation, and radiative cooling. No radial
        diffusive process is taken into account for the equilibrium. However, the scale height and
        opacity are computed consistently. 
Within the context of this disk model we include three effects: eccentricity damping,
        inclination damping, and Type I migration. 
3.1. Disk model
The disk has a power-law surface density profile:
                [image: equation](1)where
            Σ(R0 = 1 AU) =
            300 g/cm2. The mass of the central star is M⋆ = 1
              M⊙. 
The disk extends from its inner edge at 0.1 AU out to 100 AU. Outside this range, planets feel only gravity. At its inner
          edge the disk is smoothed so that the surface density at the inner edge is always 5
            g/cm2. The
          smoothing function is an hyperbolic tangent, the characteristic length is 0.005 AU (scale
          height at 0.1 AU). 
Our disk corresponds to a standard alpha disk (Shakura
            & Sunyaev 1973; Pringle 1981)
          with α = 5 ×
            10-3, typical for evolved protoplanetary disk (Guilloteau et al. 2011, Fig. 16). 
In the calculation of the disk temperature profile we used the opacity table from Huré (2000). The disk is assumed to be irradiated by a
          typical T Tauri star, with T⋆ = 4000 K and
            R⋆ = 2.5
            R⊙ (Hartigan et al. 1995, Table 2). The disk albedo is assumed to be ε = 0.5 (as in Menou & Goodman 2004). 
To get the temperature Fig. 1b, we solve the
          following equation: [image: equation](2)where
            Cbb is the radiative cooling through black
          body radiation of the two surfaces of the disk. Hen is the heating by the envelope of
          the disk, assumed to be at Ten = 10 K. Hirr is the
          irradiation of the central star (passive disk). Hvis is the viscous heating of the disk
          (active disk). ν is the kinematic viscosity of the disk.
            Ω is the angular velocity of
          a rotating particle. H is the scaleheight of the disk and τ the optical depth.
          Regions of the disk were the aspect ratio is decreasing are shadowed, and irradiation is
          removed in these regions.
The temperature profile Fig. 1b shows two steep
          transitions due to opacity transitions Fig. 2. 

          
          	[image: thumbnail]	Fig. 2
              Evolution of the disk opacity depending on the temperature and density at each
                position in the disk.

            



        3.2. Eccentricity and inclination damping
Planet-disk tidal (type I) interactions tend to rapidly damp a planet’s eccentricity and
          inclination (Papaloizou & Larwood 2000;
            Tanaka & Ward 2004; Cresswell & Nelson 2006; Cresswell et al. 2007; Cresswell
            & Nelson 2008). We modeled this damping following the prescription of
            Cresswell & Nelson (2008). The
          characteristic timescale twave, defined as follows (Cresswell & Nelson 2008, Eq. (9)):
              [image: equation](3)where
            Ω is the planet’s Keplerian
          frequency and Σp is
          the local disk surface density. Based on this, the timescales for
          eccentricity and inclination damping, te and ti,
          respectively, are defined as (Cresswell & Nelson
            2008, Eqs. (11) and (12)): [image: equation]In
          practice, we implement the eccentricity and inclination damping by applying artificial
          accelerations (Cresswell & Nelson 2008,
          Eqs. (15) and (16)): [image: equation]To
          avoid settling into a 2-dimensional setting, inclination damping was dis-activated when
            I<
              0.03°. This value was chosen to correspond to the angular
          size of a roughly Earth-sized planet close to the inner edge of the disk at 0.1 AU, to
          guarantee that close encounters were not restricted to 2 dimensions. We tested a few
          different values of this threshold for inclination damping and saw no effect on the
          outcome as long as the value was not exceedingly small. This threshold is nonetheless
          important to avoid the artificial 2-dimensional regime in which the collision rate is
          artificially enhanced (Chambers 2001).
3.3. Type I migration
Tidal interactions with the protoplanetary disk torque a planet’s orbit and cause the
          orbit to shrink or grow. The torques can be divided into the differential Lindblad torque,
          the unsaturated and saturated corotation torque. The net effect of the sum of these
          torques is what is called type I migration. We modeled type I migration using the
          prescription of Paardekooper et al. (2010, 2011). 
The following torque will be named as follow:

          
            	
               
              c correspond to corotation torque, while L is for Lindblad;
              

            

            	
               
              hs is for horseshoe drag, when the torque is fully unsaturated; 

            

            	
               
              lin is for the linear corotation torque; 

            

            	
               
              baro is for the barotropic part of the corotation torque; 

            

            	
               
              ent is for the entropy related part of the corotation torque. 

            

          

        The positive part of the corotation torque has to compensate for the negative Lindblad
          torque. The corotation torque has two contribution, a linear and a horseshoe related part.
          Each one of them has two parts, an entropy related and a barotropic one. 
The differential Lindblad torque is given by (Paardekooper et al. 2010, Eq. (14)) : [image: equation](6)where
            γ is the
          adiabatic index, b/h the smoothing
          parameter of the planet’s gravitational potential in units of its Hill radius, and
            β and
            d are the
          negative indexes of temperature (T ∝ R−
            β) and surface density power laws
            (Σ ∝ R−
                d). 
The non-saturated part of the corotation torque is given by (Paardekooper et al. 2010, Eq. (45)) : [image: equation]and
          the linear ones (Paardekooper et al. 2010, Eq.
          (17)) : [image: equation]ξ = β − (γ
            − 1)d is the negative index of the entropy power law
            (S ∝
              R− ξ). 
Theses torques are normalized by a reference torque Γ0, defined as:
              [image: equation](9)We
          also include the damping of the corotation torque for planets on eccentric orbits. The
          formula used is given in (Cossou et al. 2013) :
            [image: equation](10)where xs represents
          the half-width of the horseshoe region divided by the semimajor axis, e is the planet’s
          eccentricity, and our fit produced a = 0.45, b = 3.46, and
            c = − 2.34. 

          
          	[image: thumbnail]	Fig. 3
              Type I migration map for our disk model. The color indicates the direction and
                strength of migration. Zero-migration contours enclose the region of outward
                migration. This map assumes circular planetary orbits. 

            



        Figure 3 shows the type I migration map for our disk
          model. Despite the relatively simple assumptions made in our disk model, the map shows
          complex structure. The main region of outward migration extends from roughly 1 to 15 AU,
          and is confined to planets with masses of 5 to 25 M⊕. There is an additional smaller zone
          of outward migration from 0.3−0.6 AU. The inner edge of the disk represents a very strong barrier to
          inward migration, where a very strong positive corotation torque is generated by the
          strong density and temperature gradients (Masset et al.
            2006). This map is similar to those calculated by other authors (Kretke & Lin 2012; Bitsch et al. 2013, 2014). Our
          calculation is robust: we verified that, for the same assumptions, our procedure
          reproduces the migration maps of Bitsch et al.
            (2013). 
3.4. Simulations
Our simulations started with a population of planetary embryos that are assumed to have
          formed in a prior phase of growth, presumably by accretion of planetesimals (Thommes et al. 2003; Levison et al. 2010) or pebbles (Lambrechts
            & Johansen 2012; Morbidelli &
            Nesvorny 2012). Although this is an area of active research, there are indeed
          models that predict that planetesimals should form first at larger orbital radii (Chambers 2010). 
For a given disk mass, embryos were assigned individual masses uniformly distributed
          between 0.1 and 2 M⊕. The total mass in embryos remained
          constant for all simulations in a given set. Embryos were placed starting from 1 AU. The
          separation of two consecutive embryos was calculated so that each embryo contained the
          appropriate dust mass, following our disk surface density profile and assuming a 100:1
          gas-to-dust ratio. The last embryo is around 20 AU. Embryos started with orbital
          eccentricities of 10-5<e<
              10-3 and inclinations of −
              1°<I<
              1°. 
We performed multiple sets of simulations. The initial properties of the embryos (masses
          and orbits) were drawn from the same underlying distribution for each of the 100
          simulations in a given set, but with a different random number seed. First, we performed
          simulations in which the disk did not evolve. These systems were integrated for 3 Myr. We
          ran sets of simulations with total mass in embryos of 21, 42 and 84 M⊕. This
          essentially corresponds to a factor of 2 increase/decrease in the dust-to-gas ratio, i.e.,
          the metallicity. 
Second, we performed simulations that included dispersal of the gaseous disk. The typical
          disk lifetime is thought to be a few Myr (Haisch et al.
            2001; Briceño et al. 2001; Lada et al. 2006; Hillenbrand 2008). We therefore modeled disk dissipation as an exponential decay
          with two different timescales. For the first 3 Myr of the disk lifetime the disk surface
          density decreased uniformly at all radii as Σ =
              Σ0exp( −
              t/t1),
          where t1 =
            2 Myr. After that point the disk was rapidly dissipated with a second
          exponential with a timescale of t2 = 50 000 years. This second, fast
          decay was designed to capture the approximate effect of the fast final dissipation of the
          disk by photo-evaporation (Wolk & Walter
            1996; Simon & Prato 1995; Alexander & Armitage 2006; Currie et al. 2009; Owen et al.
            2010). The total embryo mass in these simulations was 42 M⊕. 
3.5. Integrator
Our code is based on the hybrid  Mercury  (Chambers 1999) integrator. Particles were assumed to hit the central
          star inside a radius of 0.005 AU and were assumed to be ejected from the system outside a
          radius of 100 AU. Each simulation was integrated for 3 to 100 Myr. We used a timestep of
          0.4 days. We carefully checked that integration errors were negligible (dE/E<
              10-6) in to the assumed inner edge (0.1 AU; numerical
          tests based on Appendix A of Raymond et al. 2011).
          Of course, given the damping from the disk, the total energy of the system was not
          conserved. Collisions between bodies were assumed to be inelastic and to conserve linear
          momentum. 
4. Static disk simulations
We now discuss the results of our simulations in non-evolving, static disks, for 3 Myr. We
        first focus on planets that migrated to the inner edge of the disk (Sect. 4.1). We call these hot super-Earths. Even though many may
        correspond more closely with mini-Neptunes, we group those two categories for simplicity. In
        the following section we discuss planets that may represent giant planet cores (Sect. 4.2). 
4.1. Hot super-Earths
In our model hot super-Earths form when embryos migrate inward but do not reach the
          critical mass to reverse their migration. This mechanism, proposed by Terquem & Papaloizou (2007), consists of the
          migration of embryos across large orbital distances to the inner edge of the disk. Close
          to the star, collisions between embryos grow compact systems of planets. The main
          difference here, compared to Terquem & Papaloizou
            (2007), is that systematic inward migration is not assumed but rather computed
          consistently. 
Figure 4 shows the evolution of a simulation that
          formed a system of hot super-Earths. Embryos starting between 1 and 20 AU migrated inward
          together but at different speeds given the strong mass dependence of the type I migration
          rate. Multiple accretion events occurred during migration at orbital radii of several AU.
          More collisions between embryos occurred in the inner parts of the disk, as migrating
          embryos piled into a resonant chain. This chain balanced the cumulative negative torques
          felt by many embryos with the very strong positive torque felt by the innermost embryo.
          When the resonant chain included too many embryos, instabilities between the orbits of
          adjacent embryos caused collisions. Further migration produced a new resonant chain and
          the process continued. This same mechanism has been identified in previous work (see, for
          example, Morbidelli et al. 2008; Sándor et al. 2011). 
During the simulation from Fig. 4, two planets
          formed with masses above the critical mass for outward migration (see migration map in
          Fig. 3). These planets only reached such large masses
          once they were too close-in for long-range outward migration. An outward-migrating planet
          can be pushed back inward by inward-migrating ones by either overwhelming the torque
          balance or by exciting the eccentricity of the large planet and thereby weakening its
          positive corotation torque (Cossou et al. 2013, see
          also Sect. 5.2). 
At the end of simulation from Fig. 4 a system of 7
          planets more massive than 1 M⊕ survived inside 0.5 AU. An extended
          population of embryos with masses of a few tenths of an Earth mass survived out to 10 AU
          and slowly migrated inward in the last millions years, when the dissipation of the disk is
          expected to slow then stop migration. This extended population comprised a total of
            6.2 M⊕, just 15% of the initial mass budget
          in the outer disk. 

          
          	[image: thumbnail]	Fig. 4
              Orbital evolution (top panel) and growth (bottom
                  panel) of planetary embryos in a simulation that produced a system of hot
                super-Earths. Each circle represents a collision. Red, green, and blue lines trace
                the evolution of the embryos that collide to form the three more massive final
                planets. All other embryos are shown in black. Embryos migrate inward toward the
                inner edge of the disk at 0.1 AU, where collisions are enhanced due to strong
                convergence. The inner edge stops embryos from migrating further in (although this
                is not always the case; see below).

            



        In the static disk simulations compact systems of hot super-Earths formed systematically.
          They grew from planetary embryos that migrated inward and collided, and piled up at the
          inner edge of the disk in compact orbital configurations. The planets’ orbits were locked
          in chains of mean motion resonances. This is a natural outcome of convergent migration in
          the dissipative environments characteristic of gaseous protoplanetary disks (Snellgrove et al. 2001; Lee & Peale 2002; Pierens et
            al. 2013). 

          
          	[image: thumbnail]	Fig. 5
              Final configuration of five systems after 3 million years of evolution in a static
                disk. The inner edge of the disk is located at 0.1 AU. The system in Fig. 4 is simu00002.

            



        Figure 5 shows the final orbital configuration of
          the inner parts of five systems formed in the static disk simulations (including the one
          from Fig. 4, which is “simu00002”). The resonances
          between adjacent pairs of planets that were found by an automated search are labeled. As
          expected, most adjacent planets are indeed in resonance. However, in some cases our script
          did not find resonances because the libration amplitude of the associated resonant angles
          was larger than our arbitrarily-chosen critical value of 50° (standard deviation less than
            50° for the last
          150 000 yr). Systems with larger libration amplitudes are still resonant – basically all
          of the planets in these simulations are in resonance – but are less deep in the resonance.
          Pairs of planets in “shallower” resonances are interesting because they are the least
          stable; without gas many such resonances should quickly become unstable and likely trigger
          a later phase of scattering and accretion (see, e.g., Iwasaki et al. 2001; Iwasaki & Ohtsuki
            2006; Matsumoto et al. 2012). 
The innermost planet is usually interior to 0.1 AU, the inner edge of our model disk
          (Fig. 5). These inner planets were pushed over the
          edge by the swarm of migrating embryos and stranded in the gas-free inner cavity of the
          disk. The innermost planets are therefore often not in resonance with the planets
          immediately exterior to their orbits. However, more distant planets that formed within the
          gas disk are almost always in long resonant chains. 
The configuration of the resonant chain depends on the migration speed. This is primarily
          a function of the disk and planet masses (see Sect. 2.3). The faster the migration speed,
          the stronger the convergent migration and the more compact the resonant chain. At the same
          time, the faster the migration, the more accretion during this process. For these reasons
          it is easier to generate a very wide resonant chain in a lower-mass disk and with
          lower-mass planets. This issue is important for matching observations and will return in
          the discussion (see Sect. 6.3). 

          
          	[image: thumbnail]	Fig. 6
              Mass vs. semimajor axis for the planets that formed in the 100 static disk
                simulations after 3 Myr of evolution. Each red dot represents the most massive
                planet in a given system.

            



        
          
          	[image: thumbnail]	Fig. 7
              Comparison between the planets that formed in the simulations with static disks and
                observed extra-solar planets. Both samples are limited to the range R> 1.5
                     R⊕ and p<
                  200 days, except for the non cumulative histogram of simulation
                only (without observations) that shows that the vast majority of hot super Earths
                are in resonance.

            



        Figure 6 shows the final orbital separation and mass
          of the planets that formed in the simulations with static disks. A population of planets –
          often including the most massive planet in a given system – exists as close in as 0.034
          AU, far interior to the inner edge of the disk. There is a pileup of planets at 0.1 AU, a
          signature of the migration trap at the disk inner edge. Planets with comparable masses of
          up to 5 −
            10 M⊕ exist out to roughly 0.5 AU. Farther
          out is a population of low-mass planetary embryos that extends to 20 AU. Accretion remains
          unfinished among these bodies. Only giant planet cores have large masses at large orbital
          radii (see Sect. 4.2 below). 
4.1.1. Comparison with observations
We now compare our simulated hot super-Earths with observations. Our comparison sample
            is based on recent statistical analyses of the Kepler planet candidates (e.g. Youdin 2011; Tremaine & Dong 2012). We adopt the radius and period constraints from
              (Fang & Margot 2012) to define our
            subset of comparison: m>
              3.3 M⊕1 and a< 0.66 AU2. The assumed eccentricity distribution is taken as a
            Raleigh distribution with [image: equation] (Moorhead et al. 2011). The assumed underlying distribution of mutual
            inclinations is a Gaussian with zero mean and a standard deviation of σI ~
                1.5°. This puts 85% of the planets below 3° (as noted in Fang & Margot 2012). The distribution of
            period ratios between adjacent planets are taken from known exoplanet systems. 
Figure 7 compares the simulated detectable
            hot super-Earths with the comparison sample. The figure compares the planets’
            orbital eccentricities and inclinations and the period ratios of adjacent planets. The
            simulated systems are much dynamically colder than the observed ones. The simulated
            planets are clustered at very low eccentricities and inclinations, with only a small
            fraction of planets extending even to e ≳ 0.1 or i ≳ 0.5°. This
            is a simple consequence of the very dissipative environment of our modeled disk, which
            quickly damps eccentricities and inclinations (see Sect. 3.2). 
The simulated planets are almost entirely locked in mean motion resonances. This is
            clear from the shark spikes in the distribution of period ratios in Fig. 7. In contrast, when we apply the appropriate selection
            biases, the period ratios of the simulated planets provide an excellent match to the
            observed Kepler candidate systems. 
To summarize, simulations in static disks produce planetary systems that are too
            dynamically cold and too commonly found in resonance. 
4.2. Giant planet cores
In this model, giant planet cores are represented by embryos that grow massive enough
          quickly enough that the direction of their migration is reversed. These cores migrate
          outward and are generally stabilized at a zero-torque radius represented in Fig. 2 by the
          right edge of the black contours. The cores can then remain at large orbital separation
          for long timescales, with masses that should be conducive to efficient gas accretion
          (e.g., Pollack et al. 1996; Hubickyj et al. 2005). 
With initial masses between 0.1 and 2 M⊕, embryos are not massive enough to
          maintain unsaturated horseshoe drag. Instead, their corotation torque saturates because of
          the U-turn timescale is too short compared with the diffusion timescale (Paardekooper et al. 2010). Within this mass range, no
          matter their initial position in the disk, embryos migrate inward (Bitsch et al. 2013, 2014).
          However, collisions that occur during migration can in some cases cause a transition into
          the fully unsaturated horseshoe drag regime that generates outward migration. 

          
          	[image: thumbnail]	Fig. 8
              Mass vs. semimajor axis evolution of the embryos in a simulation that produced a
                giant planet core. Horizontal displacement represents orbital migration, either
                inward or out-ward. Each vertical shift represents a collision. The three most
                massive planets are colored in red, green and blue. Each empty circle represents a
                collision, and each filled circle represents a surviving planet at its final
                position. Here the most massive embryo (in red) migrated outward to become a giant
                planet core.

            



        Figure 8 shows a simulation that produced a giant
          planet core, a 7.5 M⊕ planet at 12 AU. At
            400 000 years a collision
          between a 4.3 M⊕ and a 1.2M⊕ embryo
          created a 5.5 M⊕ body, theoretically massive enough
          to reverse its migration. However, the presence of other, nearby embryos prevented it from
          migrating outward at this point. These other embryos became locked in exterior mean motion
          resonances. This had two consequences. First, the negative Type I torques acting on those
          embryos were added to the core’s torque budget. Second, resonant excitation of the core’s
          eccentricity weakened the core’s corotation torque (Cossou
            et al. 2013; Fendyke & Nelson
          2014). 
The core got a second chance. Another collision at 700 000 years grew the core to
            6.9 M⊕. At this point the core’s strong
          positive corotation torque overwhelmed nearby embryos and the core migrated outward. This
          demonstrates the important role of core mass: a core must be more massive than its
          neighboring embryos in order to dominate its vicinity and migrate outward (Cossou et al. 2013). As the core migrated outward it
          scattered multiple embryos interior to its orbit. Two small embryos were trapped in
          resonance with the migrating core and ended up being pushed outward along with it. 
Our fiducial set of simulations in a static disk produced giant planet cores located
          between 12 and 17 AU with masses of 7 to 12 M⊕ (see Fig. 6). We did not model gas accretion onto growing cores (see, for example,
            Levison et al. 1998; Hellary & Nelson 2012). Objects like the one produced in Fig.
            8 therefore only represent candidate giant planet
          cores. Nonetheless, these objects have all of the conditions needed to form full-fledged
          gas giants. They are all larger than the estimated lower limit for rapid gas accretion
            (Ikoma et al. 2000; Hubickyj et al. 2005). 
The cores are also located in a part of the disk that is cold enough that gas accretion
          should be relatively efficient (Ikoma et al. 2001).
          In addition, their orbits are relatively stable as the zero-torque radius evolves on a
          timescale that corresponds to the disk evolution (Lyra et
            al. 2010; Horn et al. 2012; Bitsch et al. 2014), which is far longer than the
          standard type I migration timescale. 
Giant planet cores formed in just 5% (5/100) of the fiducial simulations Fig. 6. This is lower than estimates of the frequency of giant
          exoplanets (Cumming et al. 2008; Mayor et al. 2011). However, we expect the frequency
          from our simulations to be an underestimate because additional sources of growth have not
          been accounted for. For instance, we did not include pebbles or planetesimals, which can
          in some cases be efficiently accreted onto growing embryos (Levison et al. 2010; Lambrechts
            & Johansen 2012; Morbidelli &
            Nesvorny 2012). We also did not take gas accretion into account. Even relatively
          slow gas accretion that increased the masses of the larger embryos by 10−50% could affect the probability of forming
          giant planet cores. In addition, giant impacts between embryos may actually stimulate
          rapid gas accretion (Broeg & Benz 2012). 
We performed a simple experiment to test the effect of additional sources of accretion.
          We tracked the evolution of each embryo to determine how many crossed the
          migration-reversal threshold (~6
              M⊕ farther than 1.5 AU). We found that
          12% (12/100) of the simulations have embryos that cross the threshold. Only 5/12 (42%)
          became actual giant planet core candidates since their corotation torques can be
          attenuated or overwhelmed by outer embryos. We also tracked embryos that came within 33%
          in mass of the migration-reversal threshold (~4
              M⊕ at 1.5 AU). We found that 72% of
          simulations had candidates that met this criterion and came close to becoming giant planet
          cores. This is clearly a crude tool but it helps gauge the potential of this model. Of
          course, the fraction of systems with potential cores represents an upper limit to the
          efficiency of core formation because if embryos accreted more quickly they would also
          migrate faster. In fact, Lega et al. (2014) found
          that migration of low-mass planets may be even faster than predicted in our model.

          Table 1

              Fraction of simulations that formed giant planet core candidates.

            

        4.2.1. Influence of the solid to gas mass ratio: a crude metallicity tracer
Higher-metallicity stars have a much higher occurrence rate of giant exoplanets (Gonzalez 1997; Santos et al. 2004; Fischer & Valenti
              2005). However, there is no observed correlation between the stellar
            metallicity and the frequency of hot super-Earths (Ghezzi et al. 2010; Buchhave et al.
              2012; Mann et al. 2012). 
We performed a crude test of the effect of stellar metallicity on our model. We
            approximated by assuming that the dust-to-gas ratio in the disk follows the stellar
            metallicity. We neglect the effect of the increased dust mass on the disk opacity and
            temperature structure. We ran simulations with the same gas disk model as our fiducial
            case but with half and twice the mass in embryos. Given the complex scalings between the
            type I migration map and the disk parameters, this was a far simpler experiment than
            changing both the disk and embryo characteristics. Such experiments were performed
            during the course of C. Cossou’s thesis and are included in his thesis manuscript (Cossou 2013), albeit with a slightly older version of
            the code. 

            
            	[image: thumbnail]	Fig. 9
                Mass vs. semimajor axis evolution of the embryos in a simulation that produced
                  two giant planet cores. Formatted as in Fig. 8.

              



          Figure 9 shows a high-metallicity simulation that
            formed two giant planet cores. In this case two embryos crossed into the
            outward-migration zone. They did not migrate monotonically outward, as repeated
            encounters with inward-migrating embryos imparted small inward kicks. The two cores
            settled near the zero-torque zone locked in 6:5 resonance. Note that the cores are
            actually shifted slightly interior to the zero-torque location because of resonant
            eccentricity excitation (Cossou et al. 2013). The
            inner core is more massive than the outer one even though it crossed into the
            outward-migration region later. This is simply because it underwent multiple large
            collisions closer-in. By the end of the simulation the inner part of the system has
            formed a rich system of seven hot super-Earths/mini-Neptunes with masses of 3.5 to
              12
              M⊕. 
Figure 10 shows the final configuration of the
            simulations with half and twice the metallicity of our fiducial case. Giant planet cores
            form far more readily in the high-metallicity systems. Collisions are more frequent
            given the larger mass reservoir, so it is more common for an embryo to jump into the
            outward migration regime. This is especially important since the disk lifetime is
            limited, and embryos themselves may take longer to form in low-metallicity environments. 

            
            	[image: thumbnail]	Fig. 10
                Final configuration of simulations with half (top panel) and
                  twice (bottom panel) the fiducial metallicity, meaning with half
                  or twice as much initial mass in planetary embryos. The disk is static such that
                  this migration map applies throughout the simulation. The outcomes of the fiducial
                  simulations were shown in Fig. 6

              



          
            
            	[image: thumbnail]	Fig. 11
                Evolution of Type I migration with dissipation of the disk.

              



          Table 1 lists the frequency of forming a giant
            planet core for the three different stellar metallicities. This includes both the actual
            cores that were produced in the simulations and the fraction of simulations in which a
            core passed within 33% in mass of the outward migration zone. We consider the
            simulations to be the lower limit on the efficiency of core formation. The number of
            cores that approach the outward-migration zone should provide a rough upper limit to the
            efficiency of core formation, allowing for additional unaccounted sources of accretion. 
The high-metallicity simulations were the only ones to produce systems with multiple
            giant planet cores. The broad eccentricity distribution of the observed giant exoplanets
              (Butler et al. 2006; Udry et al. 2007) can be naturally explained if many systems of
            giant planets undergo dynamical instabilities (Chatterjee et al. 2008; Jurić &
              Tremaine 2008; Raymond et al. 2010).
            Hot Jupiters with orbits that are misaligned with the stellar equator (Triaud et al. 2010; Winn et al. 2010) may be explained by extreme instabilities in which one
            planet’s eccentricity becomes so high that it undergoes tidal interactions with the host
            star (Nagasawa et al. 2008; Beaugé & Nesvorný 2012). Clearly, systems with
            multiple gas giants are needed to explain these occurrences. The observed
            planet-metallicity correlation is certainly biased toward close-in gas giants. It has
            also been shown that is giant planets orbiting high-metallicity stars that show signs of
            planet-planet interactions and thus must form multiple systems (Dawson & Murray-Clay 2013). Our model qualitatively explains
            how this might occur by preferentially producing systems with multiple giant planet
            cores around high-metallicity stars. 
Apart from the frequency of giant planet cores, the low- and high-metallicity
            simulations evolved in a similar way. In both sets, hot super-Earths were ubiquitous.
            The broad characteristics of the hot super-Earths were also similar although the
            planets’ masses were larger in the high-metallicity systems. Apart from a few outliers,
            the typical scaling was slightly weaker than linear with the metallicity: the median
            planet mass within 0.2 AU was 2.4/4.6/7.9  M⊕ for the low/standard/high
            metallicity simulations. 
To summarize, our model qualitatively reproduces the observed trends. The frequency of
            giant planet core formation is a strong function of the metallicity. However, the
            formation of hot super-Earths is not sensitive to metallicity. 
5. Simulations with dissipating disks
Real protoplanetary disks are not static. Rather, they spread out under the effect of
        internal viscosity (Lynden-Bell & Pringle
          1974; Pringle 1981; Lin & Pringle 1990). Most of the disk falls onto the growing star
        and produces an observable accretion signature (Muzerolle
          et al. 2003, 2005). In the late phases of
        evolution, disks are photo-evaporated both by their central stars (Hollenbach et al. 1994; Alexander
          & Armitage 2006; Owen et al. 2010)
        and by any nearby OB stars (Adams 2000; Throop & Bally 2008). The late phases of
        evolution are thought to proceed extremely quickly, with a final dissipation that lasts only
          ~105 years (Wolk & Walter 1996; Simon
          & Prato 1995; Chiang & Murray-Clay
          2007; Currie et al. 2009; Owen et al. 2010; Alexander et al. 2013). 
We now take disk dissipation into account in a simplified way. As described above, we
        performed simulations for 100 Myr in which the disk surface density decreased uniformly. The
        surface density first decreased exponentially with a timescale t1 = 2 Myr. This
        was designed to roughly mimic a slowly-evolving viscous disk. The next phase started at 3
        Myr and involved rapid exponential dissipation with timescale t2 = 50 000 years.
        This was intended to mimic the late, fast phases of dissipation. During the disk
        dissipation, the disk migration map was re-calculated whenever the surface density changed
        by more than 10%. This corresponded to every 200 000 years at the start of the simulation
        and every 5000 years during rapid dissipation. Computing the disk full thermal profile is
        computationally expensive. By restricting the frequency of these calculations we sped up the
        code with no noticeable loss in accuracy.
Figure 11 shows snapshots of the disk migration map
        during its evolution. As the disk dissipates, the main zone of outward migration shifts
        inward and to lower masses. Once the density drops below a critical threshold, the zone of
        outward migration disappears entirely (see also Bitsch et
          al. 2014). 

        
        	[image: thumbnail]	Fig. 12
            Mass vs. semimajor axis evolution of the embryos in a simulation that produced one
              giant planet core that later migrated inward as the disk dissipated. Formatted as in
              Fig. 8.

          



      Figure 12 shows the evolution of a simulation in a
        dissipating disk. The early phases of evolution are similar to simulations in static disks.
        Embryos migrate inward, collide and grow. In this simulation a giant planet core grew and
        migrated to a zero-torque zone, but that zone itself migrated inward. The core finished the
        simulation closer in than in the simulations with static disks. The core migrated with the
        zero torque zone until the zero torque zone disappeared. This is similar to the simulations
        of Lyra et al. (2010), in which cores migrated inward
        in zero torque zones until the timescale of orbital migration exceeded the timescale for the
        evolution of the zero torque zone. The difference between the models is that the zero torque
        zone in our model disappears at late times whereas Lyra et
          al. (2010)’s does not. 
As the disk dissipated, the eccentricity and inclination damping felt by the super-Earths
        decrease, and the late stages of dissipation triggered an instability among the orbits of
        the close-in super-Earths (see also Iwasaki et al.
          2001; Kominami & Ida 2004). This led
        to a late stage of embryo-embryo collisions with no gas present to damp embryos’ random
        velocities. This essentially marks a transition to the in situ accretion regime, which has
        been shown to reproduce a number of characteristics of the observed hot super-Earths, albeit
        with ad hoc initial conditions (Hansen & Murray
          2013). At the end of the simulation the system still contains 6 planets more
        massive than 1
          M⊕ within 0.5 AU. However, because of this
        late instability the planets are not in resonance as they were in the static disk
        simulations. 

        
        	[image: thumbnail]	Fig. 13
            Distribution of surviving planets in 100 simulations in dissipating disks. Each
              simulation was run for 100 Myr. The migration map represents the one applied at the
              beginning of the simulation. 

          



      Figure 13 shows the distribution of planets that
        formed in 100 simulations with dissipating disks. There are two main differences when
        compared with the planets that formed in static disks (Fig. 6). First, the planets in the inner part of the disk are less numerous and extend
        to higher masses. This is simply because the instabilities triggered by the disk dissipation
        reduce the number of planets while increasing their masses. Second, there are far more
        high-mass planets at orbital radii larger than 0.5−1 AU. These are discussed in detail below. 
5.1. Hot super-Earths
We now compare the hot super-Earths that formed in our simulations within dissipating
          disks with a carefully-defined observed sample (see Sect. 4.1.1). 

          
          	[image: thumbnail]	Fig. 14
              Comparison between the planets that formed in simulations with dissipating disks
                and observed extra-solar planets. Both samples are limited to the range
                  R> 1.5
                   R⊕ (3.3 M⊕
                assuming Earth density) and p< 200 days.

            



        Figure 14 shows a statistical comparison between
          our simulations in dissipating disks and the observations. The inclination and
          eccentricity distributions are in good agreement with statistical inferences of the Kepler
          candidates (Moorhead et al. 2011; Tremaine & Dong 2012; Fang & Margot 2012). While the systems that formed in static
          disks had eccentricities and inclinations far smaller than expected, the systems that
          formed in dissipating disks provide a good match on both counts. This is not surprising
          since in situ accretion simulations have found the same thing (Hansen & Murray 2013), and the late phases of the simulations
          in dissipating disks essentially involve the same mechanisms as those at work in the in
          situ accretion model. 
However, our simulations produce systems that are too spread out. The distribution of the
          period ratios of adjacent planets does not match the observations. The simulations in
          static disks provided a good match to the observed period ratio distribution. The first
          few Myr of the simulations in dissipating disks are essentially identical to those in
          static disks. Although we did not explicitly simulate this, we expect that if the hot
          super-Earths formed in the static disk simulations were allowed to evolve for an
          additional 100 Myr in a gas-free environment, they would become unstable and their final
          distribution would match the hot super-Earths formed in the dissipating disk simulations.
          This means that the unstable late phase in the evolution of these systems caused them to
          spread out radially. This is an expected consequence of an instability in a system of
          protoplanets given that collisions decrease the number of planets but not generally their
          radial extent. 
These simulations therefore match one important set of observables (the eccentricity and
          inclination distributions) but fall short on another (period ratio distribution). However,
          as we discuss in Sect. 6.3, it is probably very simple to match the period ratio
          distribution by invoking slightly faster inward migration. Faster migration produces more
          compact resonant chains of close-in planets. Late instabilities triggered by the disk
          dispersal can spread the systems out and match the observed period ratio distribution
            (Cossou 2013). 
5.2. Giant planet cores
In static disks it is easy to define giant planet cores as embryos that enter the region
          of outward migration beyond ~1.5 AU.
          However, in a dissipating disk the region of outward migration itself migrates and changes
          shape (Fig. 11). The two most important aspects of
          this evolution are that 1) the critical mass for outward migration decreases and 2) the
          zero-torque radius moves inward. A core may therefore end up at a much closer-in orbital
          radius in a dissipating disk. 
Indeed, Fig. 13 shows an abundance of planets of
          several to ~20 M⊕ at orbital
          distances of a few AU. Whether these objects can really represent giant planet cores
          depends on how and when they formed. To accrete and retain a thick gaseous envelope a core
          must reach a significant size at an early-enough time. Sufficient gas must remain in the
          disk for gas accretion to occur. The core’s orbit must also be large enough. Gas accretion
          is more efficient at large orbital separation (Ikoma et
            al. 2001) and indeed, the bulk of known giant exoplanets are located at
            ~0.5−5 AU (Butler et al. 2006; Udry et al. 2007;
            Mayor et al. 2011). 
We apply a simple physically-driven criterion to identify potential giant planet cores.
          We require cores to have grown to at least 5
              M⊕ at an orbital distance of 1.5 AU or
          larger in the first 2 Myr of the simulation. At this point the gas density has dropped to
          110 g/cm2 at 1 AU.
          The 5
            M⊕ threshold was chosen as an approximate
          lower limit for efficient gas accretion (Hubickyj et al.
            2005). 
The formation of giant planet cores is as- or more efficient in dissipating disks than in
          static disks. To compare between simulations in static and evolving disks, we applied the
          same mass criterion: potential giant planet cores must be larger than 4 M⊕ although we
          stress that this chosen value is somewhat arbitrary. 
In the 100 static disk simulations there are 23 embryos in 21 systems that satisfy our
          three criteria. If we slightly weaken the mass constraint to 4 M⊕ to allow
          for additional sources of accretion (gas and planetesimals; see Sect. 4.2) this increases to 72 candidate giant planet cores in 53 systems.
          In the 100 simulations in dissipating disks there are 29 candidate giant planet cores in
          27 systems. With the 4M⊕ mass constraint there are 83
          candidate giant planet cores in 58 systems. The 4M⊕ criterion is probably optimistic
          with regard with outward migration in static disks (see Sect. 4.2). However, choosing 6 M⊕ or 4 M⊕ as mass
          criterion does not change the result: dissipating disks produce more giant planet cores
          than static disks. 
Unfortunately, we could not track the evolution of all of the candidate giant planet
          cores. Many candidates would not become cores. Indeed, only 5 unambiguous cores survived
          among the 23 candidates in static disks. Most candidate cores were pushed inward –
          interior to the outward-migration zone – by inward-migrating embryos. It is likely that
          additional effects would increase the fraction of candidates that become true cores. Our
          simulations do not include gas or planetesimal accretion. Even a modest increase in the
          mass of a candidate core would have two key effects. It would strengthen its positive
          corotation torque. And it would reduce the amplitude of its eccentricity excitation by
          inward-migrating embryos and thereby resist corotation torque damping (Cossou et al. 2013). 
Among the surviving planets in the dissipating disk simulations (Fig. 13) there are 102 planets with M ≥ 5
            M⊕ and a ≥ 0.5 AU. 29 of these
          satisfy our criteria as potential giant planet cores. The others formed too slowly and are
          simply super-Earths at modest orbital separations. 
Formation of giant planet cores in dissipating disks is therefore another strong point of
          our model. The frequency of the formation of candidate giant planet cores is at least 5%
          and perhaps as high as ~50% (see
          Table 1). However, more detailed simulations
          including gas accretion onto growing cores and a feedback on the underlying gas disks are
          needed to quantify this. 
6. Discussion
We now discuss our model’s successes and challenges. First, in Sect. 6.1 we summarize our
        model. We discuss the requirements and assumptions inherent in our model. In Sect. 6.2 we
        discuss the limitations of our simulations and prospects for improving them. Finally, in
        Sect. 6.3 we discuss how well our model can reproduce specific observational constraints. 
6.1. Summary of our model
We propose that giant planet cores and hot super-Earths form from the same parent
          population (see Fig. 15). Planetary embryos form at
          orbital radii of several to tens of AU and migrate inward. If they grow slowly, embryos
          migrate all the way to the inner edge of the disk where they undergo collisions and pile
          up in resonant chains. Embryos that become massive enough migrate outward to zero-torque
          radii and become giant planet cores. As the disk dissipates, cores migrate inward with the
          zero-torque radii until they disappear. The inner resonant chain of super-Earths is
          destabilized as the disk damping is removed. There is a phase of collisions akin to the
          last phases of in situ accretion. The surviving super-Earths are no longer systematically
          found in resonances. 
Our model is appealing in its simplicity. The same disk can form multiple types of
          planets depending on the simple competition between migration and growth. It naturally
          explains how disk with a simple power-law surface density profile can end up with a big
          pile up of mass in the inner parts of the system. By destabilizing resonant chains of
          migrated embryos during the dissipation of the disk our model retrieves the attractive
          aspects of the in situ accretion model (Hansen &
            Murray 2013) without invoking ad hoc or unphysical initial conditions. 
Our model requires that embryos form quickly at orbital distances of several AU. While
          the formation of these objects is not fully understood, such cores must indeed form in
          order to explain the known gas giants and ice giants. Our model also requires the
          existence of a zone in which embryos migrate outward. Type I migration maps are sensitive
          to a range of disk parameters; a non-exhaustive list includes the total disk mass,
          viscosity, viscosity profile (alpha vs. constant), the opacity table, the accretion rate
          and the planetary eccentricity (Kretke & Lin
            2012; Bitsch et al. 2013, 2014; Cossou
            2013). Nonetheless, a wide range of tested disk models do indeed contain zones of
          outward migration. 

          
          	[image: thumbnail]	Fig. 15
              Our formation scenario for hot super-Earths and giant planet cores. These scenarios
                are represented over the migration map of our reference disk, showed in Fig. 3.

            



        6.2. Limitations of the simulations
We consider this study to be a proof of concept. We have demonstrated that our model is
          valid and interesting but our simulations only covered a narrow range of parameter space
          and were missing several important effects. We now discuss these limitations. 
Our simulations only consider a single, somewhat arbitrary disk profile. Type I migration
          maps were produced for a vast range of disk parameters during C. Cossou’s thesis (see also
            Kretke & Lin 2012; Bitsch et al. 2013, 2014).
          Although there was a lot of diversity, a broad range of disks had similar structure. In
          particular, the important outer lobe of outward migration was at a similar orbital radius
          and mass for a range of disk parameters. The disk detailed in Sect. 3.1 has structure that
          is characteristic of these disks. Testing additional disk profiles would nonetheless help
          constrain the global validity of our model. 
We also only considered a single, oversimplified mode for dissipation of the disk. New
          models show that the dissipation of the disk is complex, time-varying and inside-out or,
          in some cases, outside-in (see review by Alexander et al.
            2013). The most important aspect of the disk dissipation is to trigger
          instabilities in the resonant chains formed toward the inner edge, so we do not expect
          this to strongly affect our results. Nonetheless, it would be interesting to include a
          more realistic treatment of disk dispersal in this type of simulation. 
There are several key effects missing from our simulations. Probably the most important
          is that we do not include gas accretion onto the growing embryos. Gas accretion depends on
          the planet’s mass and density and the disk local thermodynamic properties (e.g. Ikoma et al. 2001; Hubickyj et al. 2005). Even a small increase in the embryo mass during its
          inward migration could have an important consequence, by possibly pushing it into the
          outward-migration region. In addition, if any candidate giant planet cores undergo rapid
          gas accretion and become gas giants, they should carve annular gaps in the disk and
          transition to type II migration (Lin et al. 1996;
            Ward 1997). This in turn affects the dynamics of
          the entire system (e.g. Thommes et al. 2008; Hellary & Nelson 2012). 
Likewise, we did not include planetesimals, pebbles or dust in the simulations. A large
          reservoir of small bodies should have both dynamical and accretional consequences at early
          times. Small bodies provide both efficient damping of random velocities (Chambers 2006) and in some cases can be efficiently
          accreted (Rafikov 2004; Levison et al. 2010; Lambrechts
            & Johansen 2012). 
We also did not include collisional fragmentation. A significant fraction of impacts
          between embryos should not lead to perfect merging (Agnor
            & Asphaug 2004; Asphaug et al.
          2006). Rather, there exists a wide range of possible outcomes (Leinhardt & Stewart 2012; Genda et al. 2012). Although this does not appear to strongly affect
          the outcome of late-stage accretion (Kokubo &
            Genda 2010) it may affect how fast planets grow (Chambers 2013), a critical parameter for giant planet core formation. It remains
          unclear whether giant impacts have a negative effect on core growth due to collisional
          erosion or a positive one by promoting rapid gas accretion (Broeg & Benz 2012). 
Finally, our simulations did not include stochastic perturbations from turbulent
          fluctuations in the disk (Laughlin et al. 2004;
            Ogihara et al. 2007). Turbulence affects the
          stability of mean motion resonances (Adams et al.
            2008; Pierens et al. 2013) and may play a
          role in shaping the period ratio distribution (Rein
            2012). However, the huge number of planetary embryos (~100) and perturbations that comes with it, act in a similar way and
          break resonances through planet-planet perturbations. 
6.3. Matching observations
We now put our model in perspective by confronting it with several aspects of the
          observed extra-solar planet population. We discuss both the specific distributions of
          certain planet classes and larger-scale issues. 

          	[image: thumbnail]	Fig. 16
              Surviving planets in 100 simulations in which the gas disk dissipated fast, with an
                exponential decay with τ
                  = 500 000 years.

            



        
          
            	
               
              The inferred eccentricity and mutual inclination distributions of Kepler candidate
                super-Earths (Moorhead et al. 2011; Tremaine & Dong 2012; Fang & Margot 2012). The planetary
                systems that formed in simulations in static disks were too dynamically cold, with
                very small eccentricities and inclinations. However, simulations in dissipating
                disks produced systems with eccentricity and inclination distributions consistent
                with those expected from observations. 

            

            	
              The distribution of orbital period ratios of adjacent planets (Lissauer et al. 2011c). Systems that formed in
                static disks survived in long resonant chains. This is not what is observed (e.g.,
                  Rein 2012). However, observational biases
                hide certain planets and the resulting distribution of expected detections is a good
                match to observations. In contrast, the systems formed in dissipating disks provided
                a poor match to observations because the simulated systems were too spread out. In
                an earlier version of our code, embryos migrated too fast. The type I migration
                timescale was half of its correct value3. Many
                early sets of simulations were run with this code. In those simulations we had the
                opposite problem of the one in the simulations presented here. Simulations in static
                disks did not match the observations. Rather, their orbital configurations were too
                compact. Simulations in dissipating disks were spread out in comparison and did
                match the observations as well as the eccentricity and inclination distributions.
                For our model to match the period ratio distribution, embryos must simply migrate
                faster than in our simulations and pile up into more compact resonant chains
                (although the rate of eccentricity/inclination damping is also important for
                resonance capture). This is a simple problem. Faster migration could be achieved
                with a slightly more massive disk or one with a different surface density
                distribution. One solution is for migration to occur slightly earlier in the disk
                evolution when it was presumably more massive. After super-Earths are piled into a
                resonant chain, late destabilization would then reproduce the observed
                distributions. However, it is unclear whether a disk would remain massive for long
                enough for this to matter, as the phase during which observed disks have high
                accretion rates (and presumably high masses) only lasts a few hundred thousand years
                  (Hartmann et al. 1998). Of course, the
                simplest solution would be if our simulations underestimated the type 1 migration
                rate for small planets. Remarkably, this has recently shown to be the case! A new
                study using 3D simulations by Lega et al.
                  (2014) has in fact shown that low-mass planets migrate even faster than the
                rate used in our model.

            

            	
              The frequency of systems of hot super-Earths. The occurrence rate of super-Earths
                (or mini-Neptunes) around Sun-like stars is roughly 30−50% (Mayor et al. 2011; Howard et al.
                  2012; Dong & Zhu 2013; Fressin et al. 2013). Every single one of our
                simulations produced a system of hot Super-Earths. This frequency is clearly too
                high. There is no mechanism inherent in our simulations to stop this. How can we
                reduce the efficiency of hot super-Earth formation? One simple solution is for the
                gaseous disk to disperse very fast. This should occur in strongly-irradiated stellar
                environments such as in very dense clusters. We performed an additional set of
                simulations in which the disk dispersed exponentially with a single timescale of
                500 000 years. Figure 16 shows the planets
                produced in those simulations. Given the rapid disk dispersal, compact systems of
                hot super-Earths do not form at the disk inner edge simply because there is not
                enough time for embryos to migrate inward that far. Instead, the most massive
                planets end in the middle of the disk, around 1 AU. Of course, what really matters
                in quenching the production of hot super-Earths is the time that the embryos can
                migrate. Thus, if embryos simply form more slowly than assumed here then they would
                not be able to migrate as far and the outcome would be the same. Other mechanisms
                may exist to slow or stop super-Earth formation. If a migration barrier existed at
                large orbital radius then this could simply stop inward-migrating super-Earths (e.g.
                  Morbidelli et al. 2008). Such a barrier
                could be produced by a sharp opacity or density transition (Masset et al. 2006). More detailed disk models are required
                (e.g., Bitsch et al. 2014). Alternately, it
                is conceivable that gas giants at large orbital radius could hold up the
                inward-migrating embryos. 

            

            	
              The frequency of giant exoplanets. Gas giant planets exist with orbital periods
                less than 3000 days around ~14% of Sun-like stars (Cumming
                  et al. 2008; Mayor et al. 2011).
                Most have orbital radii larger than 0.5−1 AU. Our simulations do not include gas accretion onto growing
                embryos so we cannot make a direct comparison with observations. What we can
                constrain in our simulations is the efficiency of giant planet core formation. In
                simulations with static disks, the number of actual cores that survive at or near
                the zero-torque zone provides a lower limit. We obtained an upper limit on the
                efficiency of core formation by considering how many embryos passed either through
                or very close to the zone of outward migration. This attempts to account for certain
                effects that are missing from our simulations, in particular, accretion of both
                planetesimals and gas. If migrating embryos are able to grow faster then they can
                more easily enter the zone of outward migration and become candidate giant planet
                cores. However, this issue is even more complex because the migration rates and
                planet-planet dynamics are strongly sensitive to the planet masses. Our fiducial
                simulations produced 5 surviving candidate giant planet cores in 100 simulations.
                However, 13 embryos (in 12 simulations) entered the outward-migration zone and 90
                embryos (in 65 simulations) came within 33% in mass of the outward-migration zone
                Table 1. This range in the potential
                efficiency of giant planet core formation is extremely wide, from 5% to 65%. It is
                consistent with estimates of the frequency of giant exoplanets (Cumming et al. 2008; Gould et al. 2010; Mayor et al.
                  2011). Additional simulations that include gas accretion are needed to
                quantify this more firmly. 

            

            	
              The giant exoplanet-metallicity correlation. Several studies have demonstrated a
                strong correlation between the frequency of giant exoplanets and the stellar
                metallicity (Gonzalez 1997; Santos et al. 2004; Fischer & Valenti 2005). We tested the effect of
                metallicity in our model by performing two additional sets of simulations (in static
                disks), one with half and the other with twice the total initial mass in the embryo
                population. We assumed that the total embryo mass was an adequate tracer of the
                dust-to-gas ratio and therefore the metallicity. Our simulations produced a much
                stronger than linear correlation between the stellar “metallicity” and the
                occurrence rate of giant planet cores (see Table 1). This was true both for cores that survived at the end of the
                simulations and for those that passed through or near the outward-migration zone
                during their evolution. Indeed, the low-, fiducial- and high-metallicity simulations
                produced embryos that entered the outward-migration zone in zero, 12% and 73% of
                simulations. The high-metallicity simulations produced a large number of
                multiple-core (or multiple-candidate core) systems. This is also consistent with the
                observational requirement that gas giants must form in multiple systems around
                high-metallicity stars, in order to explain their dynamical properties (Dawson & Murray-Clay 2013). The frequency
                of hot super-Earths is not correlated with the stellar metallicity (Ghezzi et al. 2010; Buchhave et al. 2012; Mann et al.
                  2012). Our simulations also reproduce this observation. Indeed, our
                simulations always form systems of hot super-Earths, regardless of
                the stellar metallicity. 

            

          

        
    
1  Transforming the 1.5
               R⊕ threshold assuming Earth’s bulk
          density for all simulated planets.


2  Transforming the 200 days threshold assuming the mass of the sun for all the simulated
          stars.


3  We thank Aurelien Crida for finding this error.



    Acknowledgments
We thank the anonymous referee for helpful comments that improved the paper. C. Cossou’s
        thesis was generously funded by the Conseil Regional d’Aquitaine. This research was also
        supported by the CNRS’s PNP and EPOV programs and the Agence Nationale pour la Recherche
        (via grant ANR-13-BS05-0003-002; project MOJO). Computer time for this study was provided by
        the computing facilities MCIA (Mésocentre de Calcul Intensif Aquitain) of the Université de
        Bordeaux and of the Université de Pau et des Pays de l’Adour. We acknowledge many useful
        comments during C. Cossou’s thesis defense from his committee of A. Crida, A. Morbidelli, C.
        Terquem and R. Nelson, and afterwards from B. Bitsch, A. Izidoro, F. Selsis and J. Szulagy.
      

    References
	Adams,
              E. R., Seager,
              S.,
              & Elkins-Tanton,
            L.
          2008, ApJ, 673, 1160
        
	Adams,
              F. C.
          2000, ApJ, 542, 964
        
	Agnor,
              C.,
              & Asphaug,
            E.
          2004, ApJ, 613, L157
        
	Alexander,
              R. D.,
              & Armitage, P.
            J.
          2006, ApJ, 639, L83
        
	 Alexander, R., Pascucci, I., Andrews, S.,
          Armitage, P., & Cieza, L. 2013 [arXiv:1311.1819]
        
	Alibert,
              Y., Baraffe,
              I., Benz,
              W., et al.
          2006, A&A, 455, L25
        
	Asphaug,
              E., Agnor,
              C. B.,
              & Williams,
            Q.
          2006, Nature, 439, 155
        
	Beaugé,
              C.,
              & Nesvorný,
            D.
          2012, ApJ, 751, 119
        
	Bitsch,
              B., Crida,
              A., Morbidelli,
              A., Kley,
              W.,
              & Dobbs-Dixon,
            I.
          2013, A&A, 549, A124
        
	Bitsch,
              B., Morbidelli,
              A., Lega,
              E.,
              & Crida,
            A.
          2014, A&A, 564, A135
        
	 Boley, A. C., & Ford, E. B. 2013,
            [arXiv:1306.0566] 
	Briceño,
              C., Vivas,
              A. K., Calvet,
              N., et al.
          2001, Science, 291, 93
        
	Broeg,
              C. H.,
              & Benz,
            W.
          2012, A&A, 538, A90
        
	Buchhave,
              L. A., Latham,
              D.
              W., Johansen,
              A., et al.
          2012, Nature, 486, 375
        
	Butler,
              R. P., Wright,
              J. T., Marcy,
              G. W., et al.
          2006, ApJ, 646, 505
        
	Chambers,
              J.
          2006, Icarus, 180, 496
        
	Chambers,
              J. E.
          1999, MNRAS, 304, 793
        
	Chambers,
              J. E.
          2001, Icarus, 149, 262
        
	Chambers,
              J. E.
          2010, Icarus, 208, 505
        
	Chambers,
              J. E.
          2013, Icarus, 224, 43
        
	Chatterjee,
              S.,
              & Tan, J.
            C.
          2014, ApJ, 780, 53
        
	Chatterjee,
              S., Ford,
              E.
              B., Matsumura,
              S.,
              & Rasio, F.
            A.
          2008, ApJ, 686, 580
        
	Chiang,
              E.,
              & Laughlin,
            G.
          2013, MNRAS, 431, 3444
        
	Chiang,
              E.,
              & Murray-Clay,
            R.
          2007, Nature Phys., 3, 604
        
	 Cossou, C. 2013, Ph.D. Thesis, University of
          Bordeaux, http://tel.archives-ouvertes.fr/tel-00949904
        
	Cossou,
              C., Raymond,
              S. N.,
              & Pierens,
            A.
          2013, A&A, 553, L2
        
	 Cossou, C., Raymond, S. N., & Pierens, A.
          2014, in IAU Symp. 299, eds. M. Booth, B. C. Matthews, & J. R. Graham, 360
        
	Cresswell,
              P.,
              & Nelson, R.
            P.
          2006, A&A, 450, 833
        
	Cresswell,
              P.,
              & Nelson, R.
            P.
          2008, A&A, 482, 677
        
	Cresswell,
              P., Dirksen,
              G., Kley,
              W.,
              & Nelson, R.
            P.
          2007, A&A, 473, 329
        
	Cumming,
              A., Butler,
              R. P., Marcy,
              G. W., et al.
          2008, PASP, 120, 531
        
	Currie,
              T., Lada,
              C.
              J., Plavchan,
              P., et al.
          2009, ApJ, 698, 1
        
	Dawson,
              R. I.,
              & Murray-Clay, R.
            A.
          2013, ApJ, 767, L24
        
	Dong,
              S.,
              & Zhu,
            Z.
          2013, ApJ, 778, 53
        
	Fabrycky,
              D. C., Ford,
              E.
            B., Steffen, J.
              H., et al.
          2012, ApJ, 750, 114
        
	Fang,
              J.,
              & Margot,
            J.-L.
          2012, ApJ, 761, 92
        
	Fendyke,
              S. M.,
              & Nelson, R.
            P.
          2014, MNRAS, 437, 96
        
	Fischer,
              D. A.,
              & Valenti,
            J.
          2005, ApJ, 622, 1102
        
	Fressin,
              F., Torres,
              G., Charbonneau,
              D., et al.
          2013, ApJ, 766, 81
        
	Genda,
              H., Kokubo,
              E.,
              & Ida,
            S.
          2012, ApJ, 744, 137
        
	Ghezzi,
              L., Cunha,
              K., Smith,
              V. V., et al.
          2010, ApJ, 720, 1290
        
	Goldreich,
              P.,
              & Schlichting, H.
            E.
          2014, AJ, 147, 32
        
	Goldreich,
              P.,
              & Tremaine,
            S.
          1979, ApJ, 233, 857
        
	Goldreich,
              P.,
              & Tremaine,
            S.
          1980, ApJ, 241, 425
        
	Gonzalez,
              G.
          1997, MNRAS, 285, 403
        
	Gould,
              A., Dong,
              S., Gaudi,
              B. S., et al.
          2010, ApJ, 720, 1073
        
	Guilloteau,
              S., Dutrey,
              A., Piétu,
              V.,
              & Boehler,
            Y.
          2011, A&A, 529, A105
        
	 Haisch, Jr., K.
              E., Lada, E.
            A., & Lada,
              C. J.
          2001, ApJ, 553, L153
        
	Hansen,
              B. M. S.,
              & Murray,
            N.
          2012, ApJ, 751, 158
        
	Hansen,
              B. M. S.,
              & Murray,
            N.
          2013, ApJ, 775, 53
        
	Hartigan,
              P., Edwards,
              S.,
              & Ghandour,
            L.
          1995, ApJ, 452, 736
        
	 Hartmann, L., Calvet, N., Gullbring, E.,
          & D’Alessio,
            P.
          1998, ApJ, 495, 385
        
	Hellary,
              P.,
              & Nelson, R.
            P.
          2012, MNRAS, 419, 2737
        
	 Helled, R., Bodenheimer, P., Podolak, M., et al.
          2014, in Protostars & Planets VI, eds. H. Beuther, C. Dullemond, Th. Henning, R.
          Klessen, University of Arizona Press, in press [arXiv:1311.1142]
        
	Hillenbrand,
              L. A.
          2008, Phys. Scr., 130,
            014024
        
	Hollenbach,
              D., Johnstone,
              D., Lizano,
              S.,
              & Shu,
            F.
          1994, ApJ, 428, 654
        
	 Horn, B., Lyra, W.,
          Mac Low,
          M.-M.,
              & Sándor,
            Z.
          2012, ApJ, 750, 34
        
	Howard,
              A. W.
          2013, Science, 340, 572
        
	Howard,
              A. W., Marcy,
              G.
            W., Johnson, J.
              A., et al.
          2010, Science, 330, 653
        
	Howard,
              A. W., Marcy,
              G. W., Bryson,
              S. T., et al.
          2012, ApJS, 201, 15
        
	Hubickyj,
              O., Bodenheimer,
              P.,
              & Lissauer, J.
            J.
          2005, Icarus, 179, 415
        
	Huré,
              J.-M.
          2000, A&A, 358, 378
        
	Ida,
              S.,
              & Lin, D. N.
            C.
          2004, ApJ, 604, 388
        
	Ikoma,
              M., Nakazawa,
              K.,
              & Emori,
            H.
          2000, ApJ, 537, 1013
        
	Ikoma,
              M., Emori,
              H.,
              & Nakazawa,
            K.
          2001, ApJ, 553, 999
        
	Iwasaki,
              K.,
              & Ohtsuki,
            K.
          2006, AJ, 131, 3093
        
	Iwasaki,
              K., Tanaka,
              H., Nakazawa,
              K.,
              & Hiroyuki,
            E.
          2001, PASJ, 53, 321
        
	Jurić,
              M.,
              & Tremaine,
            S.
          2008, ApJ, 686, 603
        
	Kley,
              W.,
              & Crida,
            A.
          2008, A&A, 487, L9
        
	Kokubo,
              E.,
              & Genda,
            H.
          2010, ApJ, 714, L21
        
	Kominami,
              J.,
              & Ida,
            S.
          2004, Icarus, 167, 231
        
	Kretke,
              K. A.,
              & Lin, D. N.
            C.
          2012, ApJ, 755, 74
        
	Lada,
              C. J., Muench,
              A. A., Luhman,
              K. L., et al.
          2006, AJ, 131, 1574
        
	Lambrechts,
              M.,
              & Johansen,
            A.
          2012, A&A, 544, A32
        
	Laughlin,
              G., Steinacker,
              A.,
              & Adams, F.
            C.
          2004, ApJ, 608, 489
        
	Lee,
              M. H.,
              & Peale, S.
            J.
          2002, ApJ, 567, 596
        
	Lega,
              E., Crida,
              A., Bitsch,
              B.,
              & Morbidelli,
            A.
          2014, MNRAS, 440, 683
        
	Leinhardt,
              Z. M.,
              & Stewart, S.
            T.
          2012, ApJ, 745, 79
        
	Levison,
              H. F.,
              & Stewart, G.
            R.
          2001, Icarus, 153, 224
        
	Levison,
              H.
              F., Lissauer,
              J. J.,
              & Duncan, M.
            J.
          1998, AJ, 116, 1998
        
	Levison,
              H.
            F., Thommes,
              E.,
              & Duncan, M.
            J.
          2010, AJ, 139, 1297
        
	Lin,
              D. N. C.,
              & Pringle, J.
            E.
          1990, ApJ, 358, 515
        
	Lin,
              D. N.
              C., Bodenheimer,
              P.,
              & Richardson, D.
            C.
          1996, Nature, 380, 606
        
	 Lissauer, J. J., Hubickyj, O.,
          D’Angelo, G.,
              & Bodenheimer,
            P.
          2009, Icarus, 199, 338
        
	Lissauer,
              J.
              J., Fabrycky,
              D. C., Ford,
              E. B., et al.
          2011a, Nature, 470, 53
        
	Lissauer,
              J.
              J., Ragozzine,
              D., Fabrycky,
              D. C., et al.
          2011b, ApJS, 197, 8
        
	Lissauer,
              J.
              J., Ragozzine,
              D., Fabrycky,
              D. C., et al.
          2011c, ApJS, 197, 8
        
	Lopez,
              E.,
              & Fortney,
            J.
          2013, Am. Astron. Soc., 45,
            20008
        
	Lovis,
              C., Ségransan,
              D., Mayor,
              M., et al.
          2011, A&A, 528, A112
        
	Lynden-Bell,
              D.,
              & Pringle, J.
            E.
          1974, MNRAS, 168, 603
        
	 Lyra, W., Paardekooper, S.-J., &
          Mac Low, M.-M.
          2010, ApJ, 715, L68
        
	Mann,
              A. W., Gaidos,
              E., Lépine,
              S.,
              & Hilton, E.
            J.
          2012, ApJ, 753, 90
        
	Marcy,
              G.
              W., Isaacson,
              H., Howard,
              A. W., et al.
          2014a, ApJS, 210, 20
        
	 Marcy, G. W., Weiss, L. M., Petigura, E. A., et
          al. 2014b, arXiv e-prints 
	Masset,
              F.
              S., Morbidelli,
              A., Crida,
              A.,
              & Ferreira,
            J.
          2006, ApJ, 642, 478
        
	Matsumoto,
              Y., Nagasawa,
              M.,
              & Ida,
            S.
          2012, Icarus, 221, 624
        
	Mayor,
              M., Bonfils,
              X., Forveille,
              T., et al.
          2009, A&A, 507, 487
        
	 Mayor, M., Marmier, M., Lovis, C., et al. 2011,
          A&A, submitted [arXiv:1109.2497]
        
	McNeil,
              D. S.,
              & Nelson, R.
            P.
          2009, MNRAS, 392, 537
        
	Menou,
              K.,
              & Goodman,
            J.
          2004, ApJ, 606, 520
        
	Mizuno,
              H.
          1980, Prog. Theor. Phys., 64,
            544
        
	Morbidelli,
              A.,
              & Nesvorny,
            D.
          2012, A&A, 546, A18
        
	Morbidelli,
              A., Crida,
              A., Masset,
              F.,
              & Nelson, R.
            P.
          2008, A&A, 478, 929
        
	Moorhead,
              A. V., Ford,
              E.
              B., Morehead,
              R. C., et al.
          2011, ApJS, 197, 1
        
	Mordasini,
              C., Alibert,
              Y.,
              & Benz,
            W.
          2009, A&A, 501, 1139
        
	Muzerolle,
              J., Hillenbrand,
              L., Calvet,
              N., Briceño,
              C.,
              & Hartmann,
            L.
          2003, ApJ, 592, 266
        
	Muzerolle,
              J., Luhman,
              K.
            L., Briceño,
              C., Hartmann,
              L.,
              & Calvet,
            N.
          2005, ApJ, 625, 906
        
	Nagasawa,
              M., Ida,
              S.,
              & Bessho,
            T.
          2008, ApJ, 678, 498
        
	Ogihara,
              M.,
              & Ida,
            S.
          2009, ApJ, 699, 824
        
	Ogihara,
              M., Ida,
              S.,
              & Morbidelli,
            A.
          2007, Icarus, 188, 522
        
	Owen,
              J.
              E., Ercolano,
              B., Clarke,
              C. J.,
              & Alexander, R.
            D.
          2010, MNRAS, 401, 1415
        
	Paardekooper,
              S.-J.,
              & Mellema,
            G.
          2006, A&A, 459, L17
        
	Paardekooper,
              S.-J., Baruteau,
              C., Crida,
              A.,
              & Kley,
            W.
          2010, MNRAS, 401, 1950
        
	Paardekooper,
              S.-J., Baruteau,
              C.,
              & Kley,
            W.
          2011, MNRAS, 410, 293
        
	Papaloizou,
              J. C. B.,
              & Larwood, J.
            D.
          2000, MNRAS, 315, 823
        
	Pierens,
              A., Cossou,
              C.,
              & Raymond, S.
            N.
          2013, A&A, 558, A105
        
	Petigura,
              E. A., Howard,
              A. W.,
              & Marcy, G.
            W.
          2013, Proc. of the National Academy of Science,
            110, 19273
        
	Pollack,
              J.
              B., Hubickyj,
              O., Bodenheimer,
              P., et al.
          1996, Icarus, 124, 62
        
	Pringle,
              J. E.
          1981, ARA&A, 19, 137
        
	Rafikov,
              R. R.
          2004, AJ, 128, 1348
        
	Raymond,
              S. N.,
              & Cossou,
            C.
          2014, MNRAS, 440, L11
        
	Raymond,
              S. N., Barnes,
              R.,
              & Mandell, A.
            M.
          2008, MNRAS, 384, 663
        
	Raymond,
              S.
              N., Armitage,
              P. J.,
              & Gorelick,
            N.
          2010, ApJ, 711, 772
        
	Raymond,
              S.
              N., Armitage,
              P.
              J., Moro-Martín,
              A., et al.
          2011, A&A, 530, A62
        
	 Raymond, S. N., Kokubo, E., Morbidelli, A.,
          Morishima, R., & Walsh, K. J. 2014 [arXiv:1312.1689]
        
	Rein,
              H.
          2012, MNRAS, 427,
          L21
	Rice,
              W. K.
              M., Lodato,
              G., Pringle,
              J.
              E., Armitage,
              P. J.,
              & Bonnell, I.
            A.
          2004, MNRAS, 355, 543
        
	Rogers,
              L.
              A., Bodenheimer,
              P., Lissauer,
              J. J.,
              & Seager,
            S.
          2011, ApJ, 738, 59
        
	Sándor,
              Z., Lyra,
              W.,
              & Dullemond, C.
            P.
          2011, ApJ, 728, L9
        
	Santos,
              N.
              C., Israelian,
              G.,
              & Mayor,
            M.
          2004, A&A, 415, 1153
        
	Shakura,
              N. I.,
              & Sunyaev, R.
            A.
          1973, A&A, 24, 337
        
	Simon,
              M.,
              & Prato,
            L.
          1995, ApJ, 450, 824
        
	Snellgrove,
              M.
              D., Papaloizou,
              J. C. B.,
              & Nelson, R.
            P.
          2001, A&A, 374, 1092
        
	Swift,
              J.
            J., Johnson, J.
              A., Morton, T.
              D., et al.
          2013, ApJ, 764, 105
        
	Tanaka,
              H.,
              & Ward, W.
            R.
          2004, ApJ, 602, 388
        
	Tanaka,
              H., Takeuchi,
              T.,
              & Ward, W.
            R.
          2002, ApJ, 565, 1257
        
	Terquem,
              C.,
              & Papaloizou, J. C.
              B.
          2007, ApJ, 654, 1110
        
	Thommes,
              E. W., Duncan,
              M. J.,
              & Levison, H.
            F.
          2003, Icarus, 161, 431
        
	Thommes,
              E.
              W., Matsumura,
              S.,
              & Rasio, F.
            A.
          2008, Science, 321, 814
        
	Throop,
              H. B.,
              & Bally,
            J.
          2008, AJ, 135, 2380
        
	Tremaine,
              S.,
              & Dong,
            S.
          2012, AJ, 143, 94
        
	 Triaud, A. H. M. J.,
          Collier Cameron,
            A., Queloz,
              D., et al.
          2010, A&A, 524, A25
        
	Udry,
              S., Bonfils,
              X., Delfosse,
              X., et al.
          2007, A&A, 469, L43
        
	Ward,
              W. R.
          1986, Icarus, 67, 164
        
	Ward,
              W. R.
          1997, Icarus, 126, 261
        
	Weidenschilling,
              S. J.
          1977, Ap&SS, 51, 153
        
	Weiss,
              L. M.,
              & Marcy, G.
            W.
          2014, ApJ, 783, L6
        
	Weiss,
              L. M., Marcy,
              G. W., Rowe,
              J. F., et al.
          2013, ApJ, 768, 14
        
	 Wilner, D. J.,
          D’Alessio,
              P., Calvet,
              N., Claussen,
              M. J.,
              & Hartmann,
            L.
          2005, ApJ, 626, L109
        
	Winn,
              J.
              N., Fabrycky,
              D., Albrecht,
              S.,
              & Johnson, J.
            A.
          2010, ApJ, 718, L145
        
	Wolk,
              S. J.,
              & Walter, F.
            M.
          1996, AJ, 111, 2066
        
	Wright,
              J. T., Marcy,
              G. W., Howard,
              A. W., et al.
          2012, ApJ, 753, 160
        
	Youdin,
              A. N.
          2011, ApJ, 742, 38
        


  All Tables
Table 1

              Fraction of simulations that formed giant planet core candidates.

            In the text

All Figures
	[image: thumbnail]	Fig. 1
              Surface density and temperature profiles from our fiducial disk. The radial extent
                of our disk is [ 0.1;100
                  ] AU. Left panel: surface density profile,
                initial assumption of our disk model. Right panel: temperature
                profile calculated from equilibrium between irradiation, viscous heating and
                radiative cooling. The snow line is located at T ~ 150 K.

            In the text



	[image: thumbnail]	Fig. 2
              Evolution of the disk opacity depending on the temperature and density at each
                position in the disk.

            In the text



	[image: thumbnail]	Fig. 3
              Type I migration map for our disk model. The color indicates the direction and
                strength of migration. Zero-migration contours enclose the region of outward
                migration. This map assumes circular planetary orbits. 

            In the text



	[image: thumbnail]	Fig. 4
              Orbital evolution (top panel) and growth (bottom
                  panel) of planetary embryos in a simulation that produced a system of hot
                super-Earths. Each circle represents a collision. Red, green, and blue lines trace
                the evolution of the embryos that collide to form the three more massive final
                planets. All other embryos are shown in black. Embryos migrate inward toward the
                inner edge of the disk at 0.1 AU, where collisions are enhanced due to strong
                convergence. The inner edge stops embryos from migrating further in (although this
                is not always the case; see below).

            In the text



	[image: thumbnail]	Fig. 5
              Final configuration of five systems after 3 million years of evolution in a static
                disk. The inner edge of the disk is located at 0.1 AU. The system in Fig. 4 is simu00002.

            In the text



	[image: thumbnail]	Fig. 6
              Mass vs. semimajor axis for the planets that formed in the 100 static disk
                simulations after 3 Myr of evolution. Each red dot represents the most massive
                planet in a given system.

            In the text



	[image: thumbnail]	Fig. 7
              Comparison between the planets that formed in the simulations with static disks and
                observed extra-solar planets. Both samples are limited to the range R> 1.5
                     R⊕ and p<
                  200 days, except for the non cumulative histogram of simulation
                only (without observations) that shows that the vast majority of hot super Earths
                are in resonance.

            In the text



	[image: thumbnail]	Fig. 8
              Mass vs. semimajor axis evolution of the embryos in a simulation that produced a
                giant planet core. Horizontal displacement represents orbital migration, either
                inward or out-ward. Each vertical shift represents a collision. The three most
                massive planets are colored in red, green and blue. Each empty circle represents a
                collision, and each filled circle represents a surviving planet at its final
                position. Here the most massive embryo (in red) migrated outward to become a giant
                planet core.

            In the text



	[image: thumbnail]	Fig. 9
                Mass vs. semimajor axis evolution of the embryos in a simulation that produced
                  two giant planet cores. Formatted as in Fig. 8.

              In the text



	[image: thumbnail]	Fig. 10
                Final configuration of simulations with half (top panel) and
                  twice (bottom panel) the fiducial metallicity, meaning with half
                  or twice as much initial mass in planetary embryos. The disk is static such that
                  this migration map applies throughout the simulation. The outcomes of the fiducial
                  simulations were shown in Fig. 6

              In the text



	[image: thumbnail]	Fig. 11
                Evolution of Type I migration with dissipation of the disk.

              In the text



	[image: thumbnail]	Fig. 12
            Mass vs. semimajor axis evolution of the embryos in a simulation that produced one
              giant planet core that later migrated inward as the disk dissipated. Formatted as in
              Fig. 8.

          In the text



	[image: thumbnail]	Fig. 13
            Distribution of surviving planets in 100 simulations in dissipating disks. Each
              simulation was run for 100 Myr. The migration map represents the one applied at the
              beginning of the simulation. 

          In the text



	[image: thumbnail]	Fig. 14
              Comparison between the planets that formed in simulations with dissipating disks
                and observed extra-solar planets. Both samples are limited to the range
                  R> 1.5
                   R⊕ (3.3 M⊕
                assuming Earth density) and p< 200 days.

            In the text



	[image: thumbnail]	Fig. 15
              Our formation scenario for hot super-Earths and giant planet cores. These scenarios
                are represented over the migration map of our reference disk, showed in Fig. 3.

            In the text



	[image: thumbnail]	Fig. 16
              Surviving planets in 100 simulations in which the gas disk dissipated fast, with an
                exponential decay with τ
                  = 500 000 years.

            In the text





    
      Fig. 1 

      
        [image: thumbnail]
      

      
              Surface density and temperature profiles from our fiducial disk. The radial extent
                of our disk is [ 0.1;100
                  ] AU. Left panel: surface density profile,
                initial assumption of our disk model. Right panel: temperature
                profile calculated from equilibrium between irradiation, viscous heating and
                radiative cooling. The snow line is located at T ~ 150 K.

            

    

  
    
      Fig. 2 

      
        [image: thumbnail]
      

      
              Evolution of the disk opacity depending on the temperature and density at each
                position in the disk.

            

    

  
    
      Fig. 3 

      
        [image: thumbnail]
      

      
              Type I migration map for our disk model. The color indicates the direction and
                strength of migration. Zero-migration contours enclose the region of outward
                migration. This map assumes circular planetary orbits. 

            

    

  
    
      Fig. 4 

      
        [image: thumbnail]
      

      
              Orbital evolution (top panel) and growth (bottom
                  panel) of planetary embryos in a simulation that produced a system of hot
                super-Earths. Each circle represents a collision. Red, green, and blue lines trace
                the evolution of the embryos that collide to form the three more massive final
                planets. All other embryos are shown in black. Embryos migrate inward toward the
                inner edge of the disk at 0.1 AU, where collisions are enhanced due to strong
                convergence. The inner edge stops embryos from migrating further in (although this
                is not always the case; see below).

            

    

  
    
      Fig. 5 

      
        [image: thumbnail]
      

      
              Final configuration of five systems after 3 million years of evolution in a static
                disk. The inner edge of the disk is located at 0.1 AU. The system in Fig. 4 is simu00002.

            

    

  
    
      Fig. 6 

      
        [image: thumbnail]
      

      
              Mass vs. semimajor axis for the planets that formed in the 100 static disk
                simulations after 3 Myr of evolution. Each red dot represents the most massive
                planet in a given system.

            

    

  
    
      Fig. 7 

      
        [image: thumbnail]
      

      
              Comparison between the planets that formed in the simulations with static disks and
                observed extra-solar planets. Both samples are limited to the range R> 1.5
                     R⊕ and p<
                  200 days, except for the non cumulative histogram of simulation
                only (without observations) that shows that the vast majority of hot super Earths
                are in resonance.

            

    

  
    
      Fig. 8 

      
        [image: thumbnail]
      

      
              Mass vs. semimajor axis evolution of the embryos in a simulation that produced a
                giant planet core. Horizontal displacement represents orbital migration, either
                inward or out-ward. Each vertical shift represents a collision. The three most
                massive planets are colored in red, green and blue. Each empty circle represents a
                collision, and each filled circle represents a surviving planet at its final
                position. Here the most massive embryo (in red) migrated outward to become a giant
                planet core.

            

    

  
    Table 1 

              Fraction of simulations that formed giant planet core candidates.

            
              
                	
                	Low
                	Fiducial
                	High 
              

              
                	Constraint
                	metallicity
                	
                	metallicity
              

              
                	
                  

                
              

              
                	a> 1.5 AU ;
                    m> 6
                    M⊕
                	0%
                	12% (13 candidates)
                	73% (118 candidates) 
              

              
                	a> 1.5 AU ;
                    m> 4
                    M⊕
                	1% (1 candidate)
                	65% (90 candidates)
                	100% (384 candidates) 
              

              
                	Surviving at 3 Myr
                	0
                	5 (all single cores)
                	60 (14 with 2 cores) 
              

            


              Notes. The first row shows the number of cores that entered the
                outward-migration zone (defined at left). The second row shows the number of cores
                that came within 33% in mass of the outward-migration zone. The third row shows the
                number of cores that actually survived in that zone at the end of the simulations.
              

            


  
    
      Fig. 9 

      
        [image: thumbnail]
      

      
                Mass vs. semimajor axis evolution of the embryos in a simulation that produced
                  two giant planet cores. Formatted as in Fig. 8.

              

    

  
    
      Fig. 10 

      
        [image: thumbnail]
      

      
                Final configuration of simulations with half (top panel) and
                  twice (bottom panel) the fiducial metallicity, meaning with half
                  or twice as much initial mass in planetary embryos. The disk is static such that
                  this migration map applies throughout the simulation. The outcomes of the fiducial
                  simulations were shown in Fig. 6

              

    

  
    
      Fig. 11 

      
        [image: thumbnail]
      

      
                Evolution of Type I migration with dissipation of the disk.

              

    

  
    
      Fig. 12 

      
        [image: thumbnail]
      

      
            Mass vs. semimajor axis evolution of the embryos in a simulation that produced one
              giant planet core that later migrated inward as the disk dissipated. Formatted as in
              Fig. 8.

          

    

  
    
      Fig. 13 

      
        [image: thumbnail]
      

      
            Distribution of surviving planets in 100 simulations in dissipating disks. Each
              simulation was run for 100 Myr. The migration map represents the one applied at the
              beginning of the simulation. 

          

    

  
    
      Fig. 14 

      
        [image: thumbnail]
      

      
              Comparison between the planets that formed in simulations with dissipating disks
                and observed extra-solar planets. Both samples are limited to the range
                  R> 1.5
                   R⊕ (3.3 M⊕
                assuming Earth density) and p< 200 days.

            

    

  
    
      Fig. 15 

      
        [image: thumbnail]
      

      
              Our formation scenario for hot super-Earths and giant planet cores. These scenarios
                are represented over the migration map of our reference disk, showed in Fig. 3.

            

    

  
    
      Fig. 16 

      
        [image: thumbnail]
      

      
              Surviving planets in 100 simulations in which the gas disk dissipated fast, with an
                exponential decay with τ
                  = 500 000 years.

            

    

  OEBPS/aa24157-14-eq52.png
3 0.4\"%
Yelinbaro/To 0.7 (; - 11) (m) (8a)

04\ 1404\
Weiinen/To = 5[2-2(m) 77(%) (8b)





OEBPS/aa24157-14-eq56.png





OEBPS/aa24157-14-fig9_small.jpg





OEBPS/aa24157-14-eq40.png
Hwave

0.780

e\
*[]—0.14(11—/’) +006(H/)

wave

0.544

2
*[] - O.SO(L) + 0.24(L)
Hir Hir

3

vous[=) (=LY 4
)\ (4a)

() (|
+0.14| —) | —||- (4b)
Hir] \H/r

3





OEBPS/aa24157-14-eq41.png
(5a)

(5b)





OEBPS/aa24157-14-eq44.png
04)071

We/To = —-Q25+1.78— 014)(b/h





OEBPS/aa24157-14-fig14_small.jpg





OEBPS/aa24157-14-eq51.png
=)
=

Wensbaro/To = 1-1(;*(1)('*) (7a)

04 0.4
Women/To = 5[101 722]( - /h) (7b)









OEBPS/aa24157-14-fig5_small.jpg
[ARRRR






OEBPS/aa24157-14-eq15.png
-1/2
R B
(R) = X(Ro) * (170)
z





OEBPS/aa24157-14-fig2_small.jpg
s





OEBPS/aa24157-14-eq25.png
Cob + Hen + Hire + Hyis

T4 4
20— +20Te
P
§Tt 4t

R,? R,  d(H
+20T, 4 (1 - ) » [0.47 e (7)
2 P’

9 2
a\7)T e






OEBPS/aa24157-14-eq36.png
M. M,
iy Sty

Twave






OEBPS/aa24157-14-fig13_small.jpg





OEBPS/aa24157-14-fig8_small.jpg





OEBPS/aa24157-14-fig1.jpg
5

St
§ B
B PwiEee—
3. s
z B
: H
£ Ay
i Semi-maiar axis AL z T
. -
2 oaf 1
8o £ ol
& o 5 o
He

ok nehlor e ALY

‘Semi-major axis [AU)






OEBPS/aa24157-14-fig2.jpg
100

10
Distance [AU]

1

— — -
<) e
IS

[6/,wd] > Aydedo

0.1





OEBPS/aa24157-14-fig3.jpg
Planet mass (Meartn)

Evolution of the total torque INt/Tp

1
Semi-major axis (AU)

10





OEBPS/aa24157-14-fig4.jpg
Semi-major axis [AU]

Mass [Earths]

o N B O »

Time [million years]

0.5 1 1.5

2
Time [million years]

2.5






OEBPS/aa24157-14-fig5.jpg
simu00005 -

Simu00004 x- —e x T e

21 7:63:2 2:1
simu00003 ° oo o o e x
3:2 32
simu00002 L EEREY ERRE S S oo X%

312 4343
e e e e

simu00001 e
x m<2M.
© m>2M, 01 02 03 040506

Orbital Distance [AU]





OEBPS/aa24157-14-fig6.jpg
T EEE—T T T TTT
¢ Most Massive

25 [0 Qutward migration| |
7 20
X
‘=
G L
W 15 o
b}
]
210 :

sl | /.
NNE 1
5 re
g.01 0.1 10

1
Distance [AU

100





OEBPS/aa24157-14-fig7.jpg
3 4
Erpecied — Expecnd
3 simuiatons|| 3 Simulatons
2 24
£ 523
§9 2
g 2,
1
f
9] os|
% 23 X3 3 o8 1 0 e ) o 3 @
cecentricty utua nctinaton
() Fecenrcities () Ml inclinations A7
" s23 3 ] 15 S
i A ¥
og
0 5 =
H
it Zos 3
5 3 78
£ H
e fos
H
o2
= Smutons
| observations
L T v e ¥ e v R S TR
peron atos Perod ratos

(©) Period ratios hetween adjacent planets,
i ARl et tisiceata i TALTY

() Cumulative distibution of the period ratios
Y et canth; tichdtia uletion B





OEBPS/aa24157-14-fig8.jpg
mass [Earths]

=

0.1

A

[ Outward migration

T
0.1 1
Semi-major axis [AU]





OEBPS/aa24157-14-fig10_small.jpg





OEBPS/aa24157-14-fig9.jpg
-
N

7! ]
£
g 5 e
7
a
©
E g
PR
4
;
2

0.1

1
Semi-major axis [AU






OEBPS/aa24157-14-fig1_small.jpg





OEBPS/aa24157-14-fig16_small.jpg





OEBPS/dash.png





OEBPS/aa24157-14-fig12_small.jpg





OEBPS/aa24157-14-fig4_small.jpg





OEBPS/aa24157-14-fig7_small.jpg





OEBPS/aa24157-14-fig3_small.jpg





OEBPS/aa24157-14-fig10.jpg
+ Most Massive
60 Outward migration

dot 01 1 10 Too
Distance [AU]

(2) Low metallicity (Total starting mass in embryos My, = 21 Mg)

70 mmm s
»  Most Massive

[71 Outward migration

60|

w
=

N
s

w
=3

Mass [Earths]

L
p

N
S

dot 0.1 1 10 100
Distance [AU]

(b) High metallicity (Mo, = 84 M)





OEBPS/aa24157-14-fig12.jpg
mass [Earths]

0.1

Semi-major axis [AU]

1

=
0





OEBPS/aa24157-14-fig11.jpg
-

Serml-nelor axs 1A o b
@7 =0y

Sembmapor s
©T =3 Myr

T

34 Myr





OEBPS/aa24157-14-fig14.jpg
2N 4 S

(5) Orbital excitation (b) Coplanarity 1 M ol e





OEBPS/aa24157-14-eq84.png





OEBPS/aa24157-14-fig13.jpg
30,

T TTTT
¢ Most Massive
[0 Outward migration

N
w

N
=]

Mass [Earths]
=

-
=)

0.01

100

Distance [AU





OEBPS/aa24157-14-fig16.jpg
30

¢ Most Massive
1 Outward migration

25|

20

15

Mass [Earths.

10

0.01

0.1

1
Distance [AU

100





OEBPS/aa24157-14-fig15.jpg
Planet mass (Mearth)

Evolution of the total torque | o/l o

== Giant planet cores

Semi-major axis (AU)





OEBPS/aa24157-14-fig11_small.jpg
I ™
. |





OEBPS/aa24157-14-fig15_small.jpg





OEBPS/aa24157-14-eq57.png
Tee)

=———=1+4a-
Te(e =0)

tanh(u)ftanh(b L u) ,






OEBPS/aa24157-14-fig6_small.jpg





